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~ 1 kpc

Parker(1992)

銀河面

磁力線

•高密度ガスの生成 
（低温HIガス、分子雲）	
!

•銀河ダイナモ 
（磁場の増幅と維持機構）

星間ガスにおける重要な不安定性のひとつ



パーカー不安定性とは
Parker(1966) 重力成層したガスで発生

磁力線が曲がる

磁力線に沿ってガスが落下

磁力線頂上の圧力が周囲に比べて減少

浮力が生じ上昇する

落下
浮力

磁場 重力

銀河面
磁場 重力

銀河面



落下
浮力

磁場 重力

銀河面

宇宙線：

宇宙線とパーカー不安定性

•宇宙線は大局的な磁力線に沿った方向に拡散 
•その結果、磁力線方向にほぼ一様（等圧）分布 
•宇宙線の圧力によって、浮力が増大

エネルギー密度が
磁場と同じくらい

Parker(1966)



数値シミュレーションによる先行研究
Kuwabara et al. 2004

鉛直方向に一定の重力、銀河面対称

今回の研究

銀河の重力場に近い重力場を用い、銀河面
対称を仮定しないで、パーカー不安定性の
非線形発展を調べる。



基礎方程式

⇥⇤v

⇥t
+ (⇤v ·⇤)⇤v = �1

�
⇤(p + pcr) +

1
�
⇤j ⇥ ⇤B + ⇤g

磁力線方向への拡散

(Kuwabara et al. 2004, Hanasz & Lesch 2003)

宇宙線圧力

MHDの運動方程式に宇宙線の圧力が加わる

拡散係数は磁力線方向と垂直方向とで値が異なる 
（今回は簡単のため垂直方向の拡散はゼロとした）

宇宙線の圧力は流体近似の移流拡散方程式を解く
⇤pcr

⇤t
+ (⌅v ·�)pcr + �crpcr(� · ⌅v) = � · (⇥�⌅b⌅b ·�pcr)
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銀河面に平行方向

低温ガス

高温ガス

模式図（２次元計算）

銀河の回転は考えない

銀河円盤

ランダムな速度ゆらぎ

磁力線



初期圧力
Pmag

Pgas

PCR

: 磁気圧

: ガス圧

: 宇宙線圧

計算パラメータ
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線形解析による成長率
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二つのタイプの対称性

ずれ対称鏡像対称



色：ガス圧      白線：磁力線
宇宙線なし

宇宙線あり

ずれ対称のモード
が成長している。

両方のモードが成長
している。 
非線形段階では、線
形の最大成長波長よ
りも大きくループが
膨張する。
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Galactic Plane

Reconnection

removing  magnetic flux 
from the galactic disk

Galactic Plane

a process in α - Ω dynamo



宇宙線の圧力

宇宙線あり

ガス圧力



圧力：銀河面方向の平均値

ガス圧
宇宙線圧
磁気圧

鉛直方向
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圧力：銀河面方向の平均値

ガス圧
宇宙線圧
磁気圧
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宇宙線あり



密度
宇宙線あり

磁気ループの衝突による!
フィラメント構造の生成



まとめ（前半）
• 宇宙線を含めたパーカー不安定性では、磁気ルー
プの構造に関して銀河面対称性は顕著でない。 

• 高緯度で膨張する磁気ループの衝突によって、高
緯度に高密度のフィラメントやループ構造が形成
される。 

• 宇宙線はパーカー不安定性の成長とともに銀河面
から拡散していく。



分子雲の自己重力不安定性
：フィラメント状分子雲

共同研究者：花輪知幸，富阪幸治



分子雲
主成分：H2（水素分子）

cs � 0.2 km/s
音速

温度：10K

微量の固体粒子 放射冷却
CO等分子

等温

輝線（電波:~mm）

数密度：102-104cm-3

� � 0.6 km/s輝線幅 内部の乱雑運動（乱流）

磁場
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Mean polarization vectors, for each of the observed 46 fields, overplotted on the dust extinction map of the Pipe nebula obtained by Lombardi 
et al. (2006). The lengths of these vectors are proportional to the scale indicated in the top left-hand corner. Only stars showing  were used in the 
calculus of the mean polarization and position angle. The dashed-lines indicate the celestial meridians defined by  and  (see text and Fig. 2).

Alves et al. (2008)

Direction of the 
magnetic field

Local magnetic field : molecular clouds
24

magnetic energy ～ self-gravitational energy

~10pc

http://www.aanda.org/index.php?option=article&access=standard&Itemid=129&url=/articles/aa/full/2008/29/aa10091-08/aa10091-08.right.html#LAL06
http://www.aanda.org/index.php?option=article&access=standard&Itemid=129&url=/articles/aa/full/2008/29/aa10091-08/aa10091-08.right.html#fig2


Parker 1966
19
66
Ap
J.
..
14
5.
.8
11
P

ガスが磁力線の谷に溜まる

銀河面

~1kpc

分子雲の形成 Shibata & Matsumoto (1991)

Mouschovias(2009)

パーカー不安定生と星間ガス雲の形成



Mouschovias(2009)

20 T. Ch. Mouschovias, M. W. Kunz and D. A. Christie

Figure 3. Contour plots of the density (colour) and magnetic field lines (solid lines) at times τ = −13, −8, −3, 2, 7 and 12 in the (y′, z′) plane. The colourbar
gives the correlation between the colours and the natural logarithm of the density [e.g. ‘4’ denotes a dimensionless density of exp (+4) ≃ 54.6]. The unit of
length is the thermal-pressure scale height in the reference state, C2

ref (0)/g = 35.45 pc, the unit of density is ρref (0) = 2.1 × 10−24 g cm−3 and the unit of
time is Cref (0)/g = 6.05 Myr.

mass-to-flux ratio of typical cold H I clouds yields (M/#)/
(M/#)crit ≃ 0.1–0.3, where (M/#)crit ≡ (63G)−1/2 is the critical
mass-to-flux ratio calculated by Mouschovias & Spitzer (1976).

5 SU M M A RY A N D D I S C U S S I O N

We have performed two-dimensional simulations of the nonlinear
evolution of the Parker instability properly accounting for phase
transitions between the warm and cold neutral media. The evolu-
tion is initiated by small-amplitude velocity perturbations that have,
and at later times lead to, evolution that preserves the symmetry of

the dominant midplane-crossing (‘even’) mode – the mode that al-
lows field lines to cross the galactic plane. This mode has been
shown by BMP97 to be naturally selected when starting from a
spectrum of random velocity perturbations. The qualitative features
of the nonlinear evolution are similar to those found by calculations
that ignored phase transitions: arches of magnetic field lines rise
high above the galactic plane, accompanied by accumulations of
mass in the resulting magnetic valleys. However, there are impor-
tant quantitative differences between the two sets of calculations.
Phase transitions, a consequence of realistic heating and cooling
included in the present calculation, lead to structures (cold clouds

C⃝ 2009 The Authors. Journal compilation C⃝ 2009 RAS, MNRAS 397, 14–23

熱不安定性

Interstellar cloud formation 21

Figure 4. Contour plot of the density (solid lines) at time τ = 12 in the (y′, z′)
plane. The velocity vectors (arrows) are also shown and the maximum value
of the velocity [=2.74Cref (0) ≃ 15.7 km s−1] is printed above the figure.
The unit of length is C2

ref (0)/g = 35.45 pc. Note the presence of distinctive
S-shaped shocks extending far above and below the galactic plane.

Figure 5. Contour plots of the density (colour) and magnetic field lines (solid lines) at time τ = 12 in the (y′, z′) plane, zoomed in on (a, left-hand panel) a
CNM ‘sheet’ in a magnetic valley and (b, right-hand panel) a CNM cloudlet. In (a), the velocity vectors (arrows) are also shown and the maximum velocity
[=1.49Cref (0) ≃ 8.5 km s−1] is given. In (b), the maximum density [=9.80ρref (0) ≃ 2 × 10−23 g cm−3 ≃ 10 cm−3] of the cloudlet is given. The unit of length
is C2

ref (0)/g = 35.45 pc.

with typical densities much greater and temperatures much smaller
than those achieved by isothermal calculations, and which are in ex-
cellent quantitative agreement with observations of cold H I clouds.

The main result of this work is that the Parker instability is
directly responsible for the formation of interstellar clouds and
cloud complexes, despite recent claims to the contrary by Kim
et al. (1998, 2001), Kim, Ostriker & Stone (2002) and Santillán
et al. (2000). Cold H I clouds are seen to form whose masses
(≃105 M⊙), mean magnetic-field strengths (≃4.3 µG), rms
magnetic-field strengths (≃6.4 µG), mean densities (≃20 cm−3),
mass-to-flux ratios (≃0.1 − 0.3 relative to critical), temperatures
(≃50 K), turbulent velocity dispersions (≃1.6 km s−1) and spa-
tial separations (≃500 pc) are all in agreement with observations.
The maximum number density is ≃103 cm−3 and the maximum
magnetic-field strength ≃20 µG. These physical conditions are such
that, had we included the additional phase transition from atomic
to molecular hydrogen, molecular clouds would have formed very
rapidly within these giant H I clouds.

We find that the fraction of ISM mass in the WNM is approx-
imately 60 per cent, in excellent agreement with observations by
Heiles & Troland (2003). The bulk of the CNM has a sheet-like
morphology. We also note the presence of cold ‘cloudlets’ of size
≃1 pc strung along field lines. These cloudlets are both qualita-
tively and quantitatively similar to those first discovered by Heiles
(1967). The median column density of a typical cloudlet is ≃0.3 ×
1020 cm−2.

An apparent discrepancy between this work and the observational
results of Heiles & Troland (2003) is the amount of WNM in the
thermally unstable phase. In the simulation, the maximum percent-
age of WNM in the unstable phase is ≃10 per cent. By contrast, the
observed percentage is ≃48 per cent by Heiles & Troland (2003).
The discrepancy is easily understood as a consequence of the fact
that the observations see the ISM as it is today, after clouds not only
have formed but also some of them have given birth to stars, includ-
ing OB associations, which alter the physical conditions of their
parent clouds as well as the amount of matter in the warm unstable
phase. In other words, to account for the observed amount of gas in
the thermally unstable phase, a calculation must include feedback
from at least some of the energetic events that occur on relatively
short timescales after clouds and stars have formed (e.g. stellar

C⃝ 2009 The Authors. Journal compilation C⃝ 2009 RAS, MNRAS 397, 14–23
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and Rizzo et al. (1998), who obtained a mean polarization
angle of 52°with a standard deviation of 23T � nR , for stars
close to the rim of Lupus I.

3.2. Polarization Properties

When viewed in Galactic coordinates, the main body of the
Lupus I molecular cloud is almost aligned in the north–south
direction. We take advantage of this fact to perform a detailed
analysis of the distributions of polarization degree and position
angles over the main filament and the surrounding infrared
patch clouds. Lupus I was observed as part of the Herschel
Gould Belt survey (André & Saraceno 2005), and although the
mapped area is slightly smaller than the one covered by our
polarimetric sample, it has a higher angular resolution than the
IRAS maps and will be useful for the following analysis. In
Figure 5 we display the Herschel/SPIRE 350 μm dust emission
map obtained for Lupus I4 reprojected in Galactic coordinates.
Five regions of interest are delimited by the boxes in this
Figure. Three rectangles in the main Lupus I filament delimit
regions of enhanced infrared emission that will be referred to as
the “North,” “Middle,” and “South” clumps, respectively, from
north to south. Each of these clumps are elongated, given that
the two externals present almost the same direction as the
whole filament ( 164galR x n, east of north), while the middle
one, at 33galR x n, is tilted by almost 50° in the direction from
the north to east.

Figure 4. Obtained polarization degree vectors overlaid on the IRAS 100 μm emission map of Lupus I and its surrounding region. The length of each vector correlates
linearly with the measured degree of polarization according to the scale indicated in the upper left corner, and its orientation gives the direction of the plane-of-sky
component of the local magnetic field. The positions of different classes of young stellar objects, from Rygl et al. (2013), are indicated according to the following
code: unbound cores (white circles), prestellar cores (green circles), class 0 (red circle), class I (triangles), class II (squares), and class III (stars). The directions of
increasing Galactic longitude (l ) and latitude (b) are shown in the upper left corner.

Figure 5. Herschel/SPIRE 350 μm dust emission map for Lupus I. The main
filament is dominated by three regions of enhanced emission delimited by the
rectangles (colored purple), designated as the “North,” “Middle,” and “South”
clumps according to their Galactic latitude. The black lines roughly indicate the
direction of the filaments. The two secondary infrared emission patches
are delimited by the boxes identified by “A” and “B.” Directions of increasing
R.A. (α) and decl. (δ) are shown in the upper left corner.4 Retrieved from the Herschel Gould Belt Survey Archives at http://gouldbelt-

herschel.cea.fr/.
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The Astrophysical Journal, 807:5 (10pp), 2015 July 1 Franco & Alves

Franco & Alves (2015)
Lupus I

色：分子雲 
黒線：磁場の方向

2.6 pc



研究の背景と動機

• 分子雲は細長いフィラメント形状をしており，フィラ
メントの軸に対して垂直方向に磁場が貫いている分
子雲がある． 

• しかし，そのような磁気分子雲の自己重力不安性は
理論的には解明されていない． 

• そこで，時間発展の磁気流体力学数値シミュレーショ
ンを用いて，実験的にその自己重力不安定性を調べ
ることを試みた．



磁場に貫かれたフィラメント状分子雲の模式図

分子雲コア

磁力線

フィラメント状分子雲



方法

• 初期には力学平衡のフィラメン
ト状分子雲（磁場なし解析解） 

• 磁場は一様で，フィラメントの
軸に垂直． 

• ランダムノイズを与える． 

• 理想磁気流体，自己重力，等温

初期条件

磁場

磁場
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� = 0.49
初期のゆらぎを大きな正弦波で
与えると，暴走的収縮をする
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磁場に貫かれたフィラメント状分子雲から星への経路 

超臨界（磁場弱）

~107 年

ambipolar diffusion による
磁束の拡散

~106 年

暴走的収縮

分子雲コア

星

亜臨界（磁場強）

分子雲コア=	

星なしコア

磁場のエネルギー～重力エネルギー

（パーカー不安定）



• 磁場の強さに関わらず，フィラメントは分裂しコアが
形成される．磁場があまり強くなければ，コアは暴走
的収縮を起こしコア中心部に星が形成される． 

• 暴走的収縮が起こる臨界磁場の強さは，理論的に予想
される値とおおよそ良い一致を示した． 

• 臨界に近いコアができる場合，フィラメントの軸方向
と磁場方向には収縮するが，軸と磁場に垂直方向には
膨張する．

まとめ（後半）



まとめ：星間現象の磁気流体

分子雲磁場

星形成

宇宙線

パーカ不安定
ダイナモ

磁場に沿った
ガスの堆積

粒子加速


